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Abstract. We present XMM-Newton observations of the B giant β Centauri (B1 III). The spectra are rich of spectral lines
from a wide range of ionization stages which indicate temperatures in the range ∼0.1−0.6 keV. Simultaneous fits to the ,
-, and -pn spectra yield three plasma temperatures (0.1, 0.2, and 0.6 keV), emission measures, and elemental
abundances which are quite close to solar values. These temperatures are confirmed by DEM modeling. According to the
derived models the intrinsic source X-ray luminosity in the energy range 0.3−10 keV is Lx = 10 × 1030 erg s−1 at a distance
of 161 pc. An analysis of the X-ray light curve suggests that the photospheric variability does not have much of an effect on the
properties of the X-ray luminosity. The sensitivity of the He-like forbidden and intercombination lines to a strong ultraviolet
stellar radiation field is used to constrain the radial distances at which the lines of Ne , O , and N  originate.
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1. Introduction

The star β Centauri is a giant of spectral type B1 III. Its
Hipparcos distance d = 161 pc (Perryman et al. 1997), its col-
umn density NH = 4.27×1019 cm−2 (Fruscione et al. 1994), and
its effective temperature Teff = 21 100 K (Flower 1977). The
Einstein X-ray survey (Grillo et al. 1992) has shown that X-ray
luminosities Lx ∼> 1030 erg s−1 are quite common in B stars of
early spectral type B0-3, regardless of luminosity class, but that
X-ray emission becomes weaker or nonexistent in later B-type
stars.
β Cephei variables are a small group of short-period pul-

sating variables lying slightly above the upper main sequence.
They are confined within a narrow band of the H-R diagram
which lies near the end of core hydrogen-burning stars of
roughly 10−20 M� and many of them have a doubly peri-
odic light curve (a short and a long period). The same is true
for β Cen (Breger 1967)

Although it is a β Cephei variable, the other properties
of β Cen are typical for other B stars, as was found in the study
of β Cephei stars by Agrawal et al. (1984). Thus its global,
time-averaged properties will shed light on the X-rays from all
hot stars. The B stars have been the source of numerous sur-
prises during the past decade of high energy astronomy.

In the present paper the measurements with XMM-
and - are fitted with multi-temperature optically thin mod-
els in collisional ionization equilibrium (CIE) to derive the dis-
tribution of emission measure versus temperature and to obtain
elemental abundances. We present an analysis of the spectral
lines, including several that have not been studied earlier (e.g.,
lines from N and C ).

2. Observations

A log of our XMM-Newton observations of β Cen is
shown in Table 1. For information on XMM-Newton and
its X-ray instruments, i.e. the European Photon Imaging
Cameras (EPIC) MOS and pn and high-resolution Reflection
Grating Spectrometers (RGS) we refer to the publications by
den Herder et al. (2001), Jansen et al. (2001), Strüder et al.
(2001), and Turner et al. (2001).

The data have been reduced with standard procedures us-
ing the XMM-Newton Science Analysis System (SAS ver-
sion 5.4.1) with the calibration data available in June 2001. The
 response matrices that have been used to fit the CCD spec-
tra have been constructed by extraction using rmfgen and ar-
fgen tools. The 1 and 2 spectra have been co-added.
The spectra are shown in Fig. 1. The spectra are dominated
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Table 1. Observation log of the data of β Cen.

Instr. Filter Mode Date-obs-start Date-obs-end Duration(s)

MOS1 Thick Full Frame 2003-07-19T07:48:05 2003-07-20T00:25:04 59 639

MOS2 Thick Full Frame 2003-07-19T07:48:10 2003-07-20T00:25:09 59 639

pn Thick Full Frame 2003-07-19T08:22:15 2003-07-20T00:25:24 57 319

RGS1 None Spec+Q 2003-07-19T06:09:52 2003-07-20T00:26:19 65 685

RGS2 None Spec+Q 2003-07-19T06:09:52 2003-07-20T00:26:19 65 685

Fig. 1. Background-subtracted - (upper curve), -pn, and
first-order  spectra of β Cen. Error bars indicate 1σ statistical er-
rors including the effect of background. The unbroken (red in the elec-
tronic version) curve shows the best-fit model (cf. Table 2). A number
of prominent lines are labelled with the emitting ions. Due to the pile-
up and the use of an annulus to extract the spectrum -pn has less
counts than -..

by the H- and He-like ions of the elements Si, Mg, Ne, O, N,
and C, along with Fe lines. The pn data suffered some pile-
up. Therefore an annulus was used to extract the spectrum. This
diminished the number of counts in the pn spectrum.

3. Light curve analysis

Observations with EUVE showed that β CMa displays periodic
variability in its Lyman continuum on the same time scale as its
optical and UV variability (Cassinelli et al. 1996). There have
also been reports that the X-ray flux of the β Cephei stars varies
on the same period as the optical and UV photospheric con-
tinua (Cohen et al. 1996). Thus such stars are very important
for unraveling the “wind-photosphere” connection in hot stars
(Kaper 1999; Kaper et al. 1999). There is a growing realization
that modulations in wind properties are related to photospheric
variability. In this paper, we investigate search for changes in
the temperature of the X-ray source and the ionization balance
in the wind of β Cen.
βCentauri (HD 122451) is a β Cephei variable with a pulsa-

tion period of 0.157 day (Sterken & Jerzykiewicz 1993), typical
for members of that class (Lesh & Aizenman 1978). During our
XMM observations it undergoes about 4 optical pulsation

Fig. 2. Background-subtracted light curves of β Cen created from data
taken with the pn (top), MOS1 (middle), and MOS2 (bottom), binned
in 1000-s intervals.

cycles. In addition to this star’s X-ray spectrum, its light curve
should be particularly interesting. In general hot star X-ray
fluxes are relatively constant in time, and generally do not show
periodic variations. However, in this case it is important to note
that β Cen is a β Cephei variable, indicating that the physical
conditions at the base of the wind are being modulated in a pe-
riodic fashion. If that same region is an important contributor
to the star’s overall X-ray flux, it is natural to assume that there
may be a corresponding modulation of β Cen’s X-ray output.

For this observation, the RGS data are not very useful for
light curve analysis because of the low count rate. However,
because of the minimal problems with pileup for point sources
for XMM detectors, the three direct-image EPIC detectors can
be used to produce very useful light curves. A first look at the
background-subtracted light curves (Fig. 2) does not show any
obvious periodic modulation in any of the three EPIC detectors.
A slight “flare” is apparent near the beginning of the observa-
tion, quite pronounced in the pn data, but only faintly visible in
the two MOS light curves. This is somewhat puzzling because
the energy response curves of the pn and MOS instruments are
not that different from one another, with the pn having an only
slightly harder response (see XMM UHB 3.2.2.1)1.

To investigate this issue in more detail, the MOS counts
were divided into three energy bands (0.3−0.9 keV,
0.9−2.7 keV, and 2.7−8.1 keV), and six separate MOS light

1 Effective Areas: 3.2.2.1
http://heasarc.gsfc.nasa.gov/docs/xmm/uhb/node20.html
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curves were constructed, one for each of the two detectors in
each of the three energy bands. Upon inspection, it was appar-
ent that the “flare” seen in the pn data was also clearly present
in the MOS data, but only in the highest energy band. This
behavior indicates that this event seen in our data is proba-
bly one of the the soft proton-induced “flares” seen in some
XMM datasets. These are most likely caused by the passage
of the satellite through proton clouds in the Earth’s magneto-
sphere (see XMM UHB 3.3.7.1)2. In order to remove the effects
of the flare-contaminated interval, we discarded the first 12 ks
of this observation for the purposes of the light curve analysis
described below. It should be noted that this segment of the ob-
servation is still used in the analysis of the RGS data, because
the order-sorting routines used in RGS data analysis mean that
this background can have only a negligible effect on the ex-
tracted RGS spectra.

Though the low count rates inherent in X-ray data make
a general search for low amplitude periodic variability diffi-
cult, in the case of β Cephei stars such as β Cen, we are aided
by being primarily interested in X-ray variation on the period
of the star’s optical variation. For this data set, we are par-
ticularly interested in any modulation of the X-ray output on
the photospheric pulsational time scale of 0.157 day (Sterken
& Jerzykiewicz 1993). To see if there is any variation of the
X-ray flux on that time scale, we folded the X-ray light curve
on that period. The data were folded using time bins ranging
from 100 s to 3000 s. In this manner we looked at the pn data,
the two MOS data sets separately and jointly, and the MOS data
divided into the soft, medium, and hard bands described above.
In each case, no simple modulation on the photospheric period
was apparent.

The folded light curves for the pn and the
MOS1+MOS2 data are displayed in Fig. 3 binned in 1000 s
intervals (a convenient binning because the 0.157 day period =
13.6 ks, giving us roughly 13 sample points over each period).

As a general test for cyclic variability, we constructed
Scargle periodograms for the various data sets described above
(pn, MOS individual, MOS combined, MOS divided into three
energy bands) in various binnings. In each case, no periodici-
ties with high statistical confidence were found. There was no
hint of periodicity on the optical period even considering peri-
odogram peaks with low statistical confidence.

As a final note, it is interesting to compare the light curves
with the constant source hypothesis. Using only the data occur-
ring after the background flaring region, the reduced χ2 for the
pn data is 1.186, while that of the combined MOS data is 0.977.
These correspond to probabilities of 83% and 49% (respec-
tively) that the source is not fully consistent with a constant
source. This indicates that there is some, though very small,
variability in excess of that expected from a constant source.
It should also be kept in mind that some variability in excess
of that expected through counting statistics could be attributed
to the combination pixel-to-pixel gain variation and satellite
dither.

2 Soft Proton Flares:
http://heasarc.gsfc.nasa.gov/docs/xmm/uhb/node34.html

Fig. 3. The X-ray light curve of β Cen binned in 1000-s intervals and
folded on the 0.157 day optical period. The top panel gives the light
curve for the pn detector, while the bottom panel is the added count
rates of the two MOS detectors to achieve a better signal strength. The
horizontal lines indicate the average count rates for these instruments
during our observation. The zero point for the phasing is taken to be
where the flare-contaminated data ends.

In summary, the fact that β Cen is a β Cephei variable does
not seem to have much of an effect on the properties of its X-ray
light curve, and that this source is basically consistent with the
general lack of short-term X-ray variability seen for OB stars
in general.

4. Spectral analysis

The XMM observations enable us also to carry out an analy-
sis of the line spectrum. This can provide clues regarding the
nature of the X-ray sources in the outer atmosphere and wind
of β Cen. We start with an analysis of the source temperature(s)
in this star.

4.1. Multi-temperature fitting

4.1.1. A 3 temperature collisional ionization
equilibrium model

We have determined the thermal structure and the elemen-
tal composition of β Cen’s X-ray emitting plasma by means
of multi-temperature fitting to the spectrum, as follows: we
fitted multi-T optically thin plasma models (i.e., collisional
ionization equilibrium (CIE)) of the combined spectra of the
- and -pn and the  using our spectral analysis
program  (Kaastra et al. 1996a) in combination with the
 (Mewe-Kaastra-Liedahl) optically thin plasma code as
developed by Mewe et al. (1985, 1995). The  data base
is given as an extended list of fluxes of more than 5400 spectral
lines, and is available on the web3.

In the multi-temperature calculations we used three tem-
peratures which were automatically found by the fitting pro-
cedure. The three temperature components were coupled to

3 http://www.sron.nl/divisions/hea/spex/version1.10/
line/
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one NH absorption column density, related to the interstel-
lar medium (ISM), and one set of abundances. The temper-
ature components, emission measures and abundances were
free to vary. The assumed column density (Fruscione et al.
1994), and the derived temperatures, emission measures EM =∫

nenHdV , luminosities, and elemental abundances are given
in Table 2, together with the statistical 1σ uncertainties. The
column density, NH, takes into account absorption by the inter-
stellar medium. We considered the possible absorption within
the wind and found there was no need to introduce additional
absorption to account for stellar wind effects. The three tem-
peratures stretch over a wide range, peaking at 0.08, 0.21,
and 0.59 keV i.e., at 0.9, 2.4, and 6.8 MK. Due to the observed
lines being narrow (i.e., only 1.4 times the instrumental width)
the fitted values of the velocities vmic are low and not very ro-
bust. Fixing the vmic of the cool component (T1) to the average
value of the medium and hot components worsens the fit re-
sults. The vmic of the cool component is only affected by the
lines of N VI and C VI. Therefore, this value is determined
by fitting in a limited wavelength range (27−35 Å), while the
other parameters were fixed. Table 2 also presents the X-ray
luminosity in the XMM (0.3−10 keV) band, which is the in-
trinsic model luminosity at the place of the emitting plasma,
i.e., corrected for absorption by the interstellar medium (ISM).
If we scale the model X-ray luminosity to the ROSAT band
(0.1−2.5 keV) we obtain a value of 15 (in units of 1030 erg s−1),
comparable to the value of 20 Cassinelli et al. (1994) found
from ROSAT observations. For the purposes of comparison we
have adjusted their reported flux measurement to compensate
for the fact that they assumed a distance of 85 pc instead of the
161 pc value adopted here. It is also similar to the Einstein
value of 13 for the band 0.15−4 keV (Grillo et al. 1992).
But their flux measurement has also been scaled to a distance
of 161 pc from their assumed distance of 110 pc. The results of
the 3-T fit are shown in Fig. 1. The points with error bars are
the data. The unbroken curve (red in the electronic version) is
the best fit model.

4.1.2. Abundance determination

The abundances given in Table 2, are relative to solar photo-
spheric values from optical studies (Anders & Grevesse 1989)
except for Fe, for which we use log AFe = 7.50 (see Grevesse
& Sauval 1998 and 1999) instead of 7.67 (Anders & Grevesse
1989). Here log AFe is the logarithm of the Fe-abundance rel-
ative to log AH = 12.0. From cool stars it is known that
the hot X-ray emitting plasma (the corona) show abundances
that differ from the photospheric abundances. For the Sun
Feldman (1992) established a First Ionization Potential (FIP)
effect. This implies that the elements with a low first ioniza-
tion potential, such as Fe, Mg, Si are enhanced in the corona.
The same effect was also observed in other cool stars (Raassen
et al. 2003). The opposite was found in very active cool stars
(Audard et al. 2003). This is called the Inverse FIP effect.
In β Cen we obtain solar photospheric abundance values for the
X-ray spectrum. Comparison with solar values is a bit artificial,

Table 2. Multi-temperature fitting for XMM combined -pn, -
&  spectra of β Cena.

comp. i 1 2 3

NHi
b 4.27 4.27 4.27

kTi
c 0.076± 0.036 0.208± 0.032 0.587± 0.069

EMi
d 6.51± 1.33 2.35± 0.08 1.39± 0.03

Lxi
e 1.87 4.59 3.81

vmic
f 532± 108 280± 110 230+150

−230
∑

i Lxi
e 10.3

Abun.g

C 0.98± 0.06

N 1.17± 0.10

O 1.04± 0.03

Ne 1.23± 0.08

Mg 1.59± 0.09

Si 1.05± 0.13

S 0.55± 0.12

Ar 1

Ca 1

Fe 1.13± 0.02

Ni 1

χ2
red 2594/2031

Notes:
a HIPPARCOS distance d = 161 pc is used.
b Column density (1019 cm−2) assumed.
c Temperature in keV.
d Emission measure in 1053 cm−3.
e X-ray luminosity (0.3–10 keV) in 1030 erg s−1.
f Microturbulent velocity (in km s−1) representing line broadening.
g Abundance relative to solar photospheric number abundance
(Anders & Grevesse 1989 with Grevesse & Sauval 1998, 1999 for Fe).

but needed due to the lack of stellar photospheric abundances.
So no prominent abundance peculiarity is determined.

4.1.3. DEM modeling

Apart from a multi-T fitting, the combined - and
 spectrum was also fitted by means of a differential emis-
sion measure (DEM) model (e.g., Kaastra et al. 1996b) using
the module “pdem” in . This module, which is based on a
spectral description by means of a spline-method offers the pos-
sibility to obtain the differential emission measure distribution
and the abundances simultaneously and for different NH values.

We define the DEM by nenHdV/dlogT (integrated over one
logarithmic temperature bin). The result for the EM (per log-
arithmic temperature bin) is shown in Fig. 4. The temperature
structure obtained using the DEM-modeling covers the same
temperature range as the 3-T fit. Here we determine a continu-
ous temperature distribution, peaking at the temperatures given
in Table 2.
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Fig. 4. DEM modeling of the -+ and  spectra of β Cen
by means of the pdem method (see text). The emission measure EM
is presented per logarithmic temperature bin.

5. Emission line fluxes

In Table 3 the measured fluxes at Earth (not corrected for in-
terstellar absorption) of a number of prominent lines are given.
The fluxes of 1 and 2 and of1 and2 have been
measured by folding a Gaussian through the instrumental Line
Spread Function and fitting to the data. A powerlaw is added to
describe the continuum. Within parentheses the 1σ errors are
given. For - the resolution is too low to add statistical
errors to the given wavelengths. The first three columns show
the ion, the theoretical (laboratory) energy, and the theoretical
wavelength, respectively. The other columns contain measured
quantities of the observed features. The observed wavelengths
are close to the theoretical values. No systematic red- or blue-
shift is noticed. This implies a low velocity plasma. Also tabu-
lated are the FWHM (in 0.001 keV) of the lines and the values
relative to the energy E0 of the lines. The measured broaden-
ings are small. For most features only an upper limit could be
determined. The value of 640 km s−1 given in Table 2 corre-
sponds to a value of FWHM/E0 = 2

√
ln 2vmic/c = 3.5 (in

units of 0.001). Some of the broadenings might be affected by
blends. The O VIII line at 16.006 Å (as an example) might be
blended by Fe XVIII.

5.1. Analysis of emission line profiles

5.1.1. Presence of asymmetric line profiles

Shapes of the X-ray lines have become an important diagnos-
tic of the line formation processes. One of the first stars to be
measured at high spectral resolution was the O4f star ζ Pup
(Cassinelli et al. 2001). It showed very broad lines which are
consistent with the lines being formed in a rapidly expand-
ing wind, presumably, in shocks embedded in the wind. The
lines of ζ Pup also were skewed with the shortward side be-
ing more prominant than the redward side. This general shape
was predicted by MacFarlane et al. (1991). Profiles of this sort

were also explained as arising in expanding winds by Ignace &
Gayley (2002), and Kramer et al. (2003). One of the major sur-
prises of recent X-ray observations is that ζ Pup appears to be
unusual in showing the predicted profiles, because other mas-
sive stars have tended to show only the broadness but not the
blueward skewness expected (Waldron et al. 2004).

Figure 5 shows the C line profile of β Cen together with
a δ-function model. The latter is folded with the instrumen-
tal Line Spread Function. The top and middle panel of Fig. 5
shows the 2 and 1 spectrum respectively. In these pan-
els the δ-function is centered around the top of the line feature.
From both panels it is clear that the line is broader than the
folded δ-function. In the bottom panel the 1 spectrum is
shown again. However, the model is shifted such a way that
it describes the blue wing of the feature, proving the asym-
metry of the C line in the 1 spectrum. The asymmetry,
however, is not confirmed in the 2 spectrum. Here only a
broadening is noticed. The observed line broadening is only
1.4 times the instrumental line width. When interpreting the
line profile asymmetry of the C line in the 1 spectrum,
two caveats should be borne in mind: the line centroid shift is
not large compared to the instrumental line width, and the line
asymmetry is not clearly apparent in the 2 spectrum. Also
note that identical δ-function model shapes were used for the
bottom two panels of Fig. 5. In the bottom panel the model has
simply been slightly shifted toward the short wavelength side.
What appears to be a difference in shape between the bottom
two convolved model profiles is simply an artifact of shifting
the model by a non-integral number of bins.

5.2. He-like line diagnostics

Gabriel & Jordan (1969) were the first to demonstrate that for-
bidden ( f ), intercombination (i) and resonance (r) lines of the
He-like “complex” provide useful diagnostics for X-ray emit-
ting plasmas. More recent studies including the effects of di-
electronic satellite lines and a radiation field have been carried
out by Porquet et al. (2001). The ratio f /i is dependent on elec-
tron density because of the depopulation of the upper level of
the f line at increasing density and can be used to derive elec-
tron densities in circumstances where radiation fields are rela-
tively weak, such as in cool stars. However, in OB stars where
the radiation fields are much stronger the depopulation of the
upper level of the forbidden line occurs by radiative absorp-
tion (e.g., Blumenthal et al. 1972; Porquet et al. 2001) and the
f /i ratio no longer indicates the density, but instead provides
information on the mean intensity of the radiation field, hence
the radial distance R of the X-ray source from the star (Waldron
& Cassinelli 2001).

The fact that the UV radiation field is the dominant effect
in determining the f ir line strengths in β Cen is confirmed
by detailed calculations. Using the formalism developed by
Blumenthal et al. (1972), we calculate the radial dependence
of R in the envelope of β Cen on the basis of a photospheric
UV flux model for of Kurucz with Teff = 21 100 K, log g = 4.0,
and solar metallicity.
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Table 3. Line fluxes at Earth of β Cen measured with - and . Statistical 1σ errors in the last digits in parentheses.

ion Ea
0 λa

0 λb
obs flux FWHMc FWHM

E0

d
λobs

b flux FWHMc FWHM
E0

d

[keV] [Å] [Å] [10−13 erg [Å] [10−13 erg
cm−2 s−1] cm−2s−1]

1 2
EPIC-MOS:
S 2.461 5.039 4.979(.054) 0.04(.03) – – 4.979 0.01(.02) – –
Si 1.853e 6.692e 6.692 f 0.17(.03) – – 6.694(.046) 0.19(.04) – –
Mg 1.472 8.421 8.421 f 0.11(.03) – – 8.421 f 0.09(.02) – –
Mg 1.348e 9.200e 9.200 f 0.34(.03) – – 9.200 f 0.33(.03) – –

1 2
RGS:
Mg 1.348e 9.200e 9.240(.064) 0.32(.15) – – 9.255(.048) 0.22(.13) – –
Ne 1.2074 10.240 10.269(.—) 0.08(∼<.22) – – 10.304(.028) 0.25(.10) – –
Ne 1.0220 12.134 gap – – – 12.142(.009) 0.57(.10) – –
Ne  0.9220 13.447 gap – – – 13.447(.009) 0.70(.11) 2.9(2.4) 3.1

0.9148 13.553 gap – – – 13.554(.014) 0.52(.12) 2.9(2.4) 3.2
0.9050 13.700 gap – – – 13.751(.—) 0.06(∼<.14) 2.9(2.4) 3.2

Fe 0.8962 13.834 13.784(.018) 0.21(.09) – – 13.851(.009) 0.22(.07) 2.9(2.4) 3.2
0.8925 13.892

Ni? 0.8830 14.040 – – – – 14.045(.—) 0.08(.07) – –
Fe 0.8730 14.202 14.218(.009) 0.37(.09) – – 14.210(.014) 0.30(.08) – –

0.8724 14.212
Fe 0.8633 14.361 – – – – 14.347(.023) 0.14(.07 – –

0.8626 14.373
Fe 0.8529 14.536 14.538(.018) 0.16(.07) – – – – – –
Fe 0.8503 14.581 14.640(.032) 0.16(.07) – – 14.584(.019) 0.19(.07) – –

0.8486 14.610
Fe 0.8258 15.013 15.014(.005) 1.28(.12) ∼<1.4 ∼<1.7 15.019(.005) 1.17(.12) ∼<2.6 ∼<3.2
O 0.8170 15.176 15.167(.016) 0.27(.10) ∼<1.4 ∼<1.7 15.151(.021) 0.28(.09) ∼<2.6 ∼<3.2
Fe 0.8125 15.260 15.255(.013) 0.51(.13) ∼<1.4 ∼<1.7 15.258(.012) 0.48(.10) ∼<2.6 ∼<3.2
O 0.7745 16.006 16.012(.014) 0.48(.12) 4.2(2.1) 5.4 16.018(.011) 0.46(.08) ∼<4.8 ∼<6.2
Fe 0.7391 16.775 16.771(.005) 0.59(.09) 0.0 0.0 16.781(.009) 0.64(.11) ∼<2.0 ∼<2.7
Fe 0.7272 17.051 17.029(.009) 0.58(.13) 0.0 0.0 17.050(.026) 0.43(.38) ∼<2.0 ∼<2.7
Fe 0.7250 17.100 17.100d 1.30(.40) 0.0 0.0 17.096(.014) 1.08(.40) ∼<2.0 ∼<2.7
O 0.6656 18.627 18.636(.011) 0.30(.07) 0.0 0.0 18.629(.016) 0.25(.08) ∼<4.1 ∼<6.1
O 0.6536 18.969 18.969(.003) 2.48(.14) ∼<0.6 ∼<1.0 18.973(.003) 2.49(.14) 1.0(0.6) 1.5
O 0.5740 21.602 21.604(.003) 2.33(.14) 0.9(0.4) 1.6 gap – – –
O 0.5686 21.804 21.798(.003) 1.98(.14) 1.0(0.4) 1.8 gap – – –
O 0.5610 22.101 22.088(.—) 0.03(∼<.09) 0.0 0.0 gap – – –
N 0.5003 24.781 24.787(.021) 0.28(.11) 0.0 0.0 24.781(.010) 0.33(.07) ∼<1.9 ∼<3.9
C 0.4356 28.466 28.451(.023) 0.19(.07) 1.2(1.2) 2.8 28.467(.023) 0.16(.06) ∼<1.9 ∼<4.3
N 0.4307 28.787 28.764(.018) 0.15(.06) – – 28.812(.014) 0.24(.06) ∼<1.4 ∼<3.3
N 0.4263 29.084 29.057(.035) 0.44(.14) 3.0(1.3) 7.1 29.093(.032) 0.15(.07) ∼<2.7 ∼<6.4
N 0.4198 29.534 – ∼<0.04 – – – – – –
Ca? 0.4153 29.850 29.899(.024) 0.06(.04) – – – – – –
Ca? 0.4072 30.448 30.452(.024) 0.09(.05) – – 30.433(.083) 0.08(.06) – –
C 0.3675 33.736 33.736(.008) 1.13(.14) 0.9(0.2) 2.5 33.744(.006) 0.96(.10) 0.7(0.3) 2.0

Notes:
a E0 and λ0 are the theoretical energy and wavelength from Kelly (1987) and Dere et al. (2001).
b λobs is the observed wavelength with the statistical 1σ error in parentheses.
c FWHM in 0.001 keV.
d in units of 0.001. For example, as FWHM/E0 = 2

√
ln 2vmic/c = 1.665 vmic/c, a velocity vmic = 300 km s−1 corresponds to a broadening of

FWHM/E0 = 1.665 (cf. Tables 2).
e Theoretical value, as average of multiplet lines.
f Fixed to theoretical value.
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Fig. 5. C line in the  spectrum fitted by one δ-function folded
with the instrumental line profile. From top to bottom 2, 1
(both with a centralized model), and 1 (with a shifted model). The
profiles in all three panels are broader than the model. In the bottom
panel (1) the profile of the C line is slightly asymmetric which
can be explained by models (see text).

The mean intensity of the UV radiation is large near the
surface of the star and it decreases outwardly by dilution factor

W(R) =
1
2


1 −

(
1 −

(R∗
R

)2)1/2 (1)

(Mewe & Schrijver 1978). As a result of the radial dependence
of the radiation field, the observed f /i ratio can be used to de-
rive the radial location of the He-like ions that are producing the
observed f ir lines. There are two He-like ions which allow reli-
able measurements of their f /i line ratio (O , Ne ). These
parameters indicate that the radiation field of β Cen will sup-
press the forbidden lines by radiative de-excitation of the upper

Fig. 6. The curves show the expected f /i line ratio as a function of
formation radius R for the labeled He-like ions. The bold part indicates
the distance from the stellar surface where the ion is located, based on
the measured f /i ratios.

level of f to much greater radii than would be possible with
collisions (see, e.g., Waldron & Cassinelli 2001). Thus the ex-
pected f /i ratios as functions of radii for these ions are entirely
controlled by the strength of the stellar UV radiation field. The
predicted R dependencies of f /i are shown in Fig. 6. The f /i ra-
tios derived from the  spectra for N , O , and Ne 
are: ∼<0.1, ∼<0.05, and ∼<0.27, respectively (cf. Table 3). These
results correspond to radial ranges R of the X-ray emission of
about ∼<17 R∗, ∼<5.7 R∗, and ∼<3.5 R∗, respectively. The higher
ionized elements have upper limits for the radial ranges closer
to the stellar surface.

Finally, using the results of Porquet et al. (2001) we extract
from the measured (i + f )/r ratios of 1.5, 0.86, and 0.83 (cf.
Table 4) for N , O , and Ne  electron temperatures of
about ∼<0.5, 2.3, and 3 MK, respectively, i.e., the temperatures
of the regions from where we primarily observe the f ir lines.
The fact that Ne  that is formed at about 0.3 keV is confined
within about four stellar radii may imply that the hot plasma
between about 0.3 and 0.6 keV (cf. Table 2) is confined by a
strong magnetic field.

5.3. Temperature diagnostics

We carry out temperature diagnostics using temperature sensi-
tive line ratios Lyα/Her. Her stands for the resonance line of
the line triplet in He-like ions. The ratios are calculated from
the line fluxes as listed in Table 3. We assume plasma emissiv-
ities as calculated in the MEKAL code (Mewe et al. 1985), and
compare measured ratios with the calculated emissivity ratios
in order to derive line formation temperatures.

Mewe et al. (1985) calculates the X-ray line power, which
is defined as P = − log10(P/n2

e) − 23.0 where ne is the electron
density in cgs units and P is power in cgs units, at different
temperatures for various ions. From the difference of line pow-
ers we can calculate the ratio of line fluxes. The luminosity of
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Table 4. The physical parameters for β Cen together with derived mass loss rates and terminal velocities. See text for details and references.
The superscripts C and H refer to the cool and hot side of the bistability point, respectively.

M/M� Log L/L� Teff vesc ṀC ṀH vC∞ vH∞
(K) (km s−1) (M�/yr) (M�/yr) (km s−1) (km s−1)

16 4.62 21100 642 1.25 × 10−7 1.59 × 10−8 835 1670

a given line can be written as, assuming the electron density is
constant throughout the integrated volume

L =
∫

PdV (2)

=

∫
10−(P+23) n2

edV

= 10−23 n2
eV × 10−P

then we can write the ratio of the fluxes as

f1
f2
=

L1

L2
= 10P2−P1 (3)

or

log10
f1
f2
= P2 − P1. (4)

By taking the X-ray line powers for Lyα and Her for each tem-
perature that they have been calculated for, subtracting one
from the other and comparing it to the line flux ratio we get
a temperature estimate.

Although in the sensitivity range of RGS there are five
such elements (Si, Mg, Ne, O and N) that would pro-
duce the required lines ( f ir triplet, Lyα) for this analysis,
our observation yielded only two Lyα/Her pairs. Both the
O /O and N /N yielded the same temperature
range of 2−2.5 MK.

6. Discussion

As described above we were not able to find firm X-ray
variability on the time scale associated with the pulsations
of β Cen. The EUVE observations of Cassinelli et al. (1996),
and Cohen et al. (1996) of the β Cephei star β CMa gave strong
indication that the pulsations at least have an effect on the upper
regions of the photosphere where the Lyman continuum forms.
It corresponds to a variation in the temperature of about 100 K.
This seems small but the EUVE is formed well out in the
Wien portion of a B star’s continuum so even small temperature
changes lead to exagerated variations. We considered it plausi-
ble at least that the pulsations could also affect the even higher
regions in the atmosphere where wind shocks might originate.
Our failure to find the expected correlation may mean that the
processes by which line driven instabilities form and grow into
shocks is more complicated than a 1D spherical model would
predict.

It is well known that there can be a more circuitous route
to the formation of wind shocks. For example for the Main se-
quence B star τ Sco (B0.5 V), Howk et al. (2000) were able
to show that the anomalously hard X-rays and the absorption
by O that extends to the red side of line center, can be

explained by clumps that form in the wind. The picture that
clumps form stall in their outward motion and fall back in to-
ward the star is at least consistent with both XMM (Mewe
et al. 2003) and Chandra (Cohen et al. 2003) observations
of τ Sco.

Although it is not likely that we could derive such a com-
plicated picture for the X-ray sources in β Cen, we have chosen
to analyze the data sufficiently to uncover anomalies that might
lead to a better understanding of this star. First we analyze a
straightforward wind shock formation model for β Cen. This
star is particularly interesting in that it lies very close to the
bistability limit for luminous stars near B1 III to I (Vink et al.
2000). So we consider the possibility that the star lies on ei-
ther side of the bistability jump. Also we consider the possible
effects of wind wind collisions with the binary companion.

6.1. The Locations of the 3 X-ray components

One of our more firm conclusions is that there are three
dominant temperatures that characterize the X-ray emission
from β Cen, which we will call the soft medium and hard com-
ponents, which are given in Table 1 and shown in Fig. 7.

Assuming that the X-rays are formed in shocks embedded
in the stellar wind (Owocki et al. 1988) we can deduce the na-
ture of these shocks from wind models. Typical shock models
(e.g. Cooper & Owocki 1994) have jumps of about half the lo-
cal wind speed. To get the temperature of the shocked material
from the shock velocity jump ∆v we can use the expression

T =
3
16
µmH∆v

2

k
= 1.4 × 107 K

(
∆v

1000 km s−1

)2

, (5)

where µmH is the average mass per particle. Also we can esti-
mate the EM over a shock cooling length from the integral

EM =
∫ rs+l

rs

(ρ(r)/µmH)24πr2dr (6)

where rs is the distance to the shock from the star and l is the
cooling length. If one uses the expression Ṁ = 4πr2ρ(r)v(r),
and also assumes the standard beta velocity law v(r) =

v∞
(
1 − R∗

r

)β
, where R∗ is the radius of the star and v∞ is the

terminal wind velocity, the integral in Eq. (6) can be written as

EM =
1

4π

(
Ṁ

m̄v∞

)2 ∫ rs+l

rs

drr−2
(
1 − R∗

r

)−2β

· (7)

We can get the cooling length using the MEKAL radia-
tive energy loss curve and the first law of thermodynam-
ics (dU = dQ − pdV , where U = 3kT/2m̄, which pro-
vides l = T (dT/dr)−1). For the mass loss rate (Ṁ) we used the



A. J. J. Raassen et al.: XMM observations of β Cen 607

Fig. 7. Emission measure versus temperature, for a spherically sym-
metric shock. The dashed line is for the slower (cold side), the solid
line is for the faster (hot side) wind. Also the EM and temperature
of the soft (S), medium (M) and hard (H) components of the fit are
shown. The error bars are 1σ errors associated with the fit.

results of the bistabiliy simulations of Vink et al. (2000). These
simulations use a Monte Carlo code that followed the pho-
tons (emitted across the spectrum) which enter the wind. This
model also accounts for the momentum deposition along with
an accurate model of the wind and line opacities as obtained
from non-LTE combined wind atmosphere code of de Koter
et al. (1997). In their paper they give an analytic expression
for the mass loss rate that is obtained from fitting the data.
Interestingly, the temperature of β Cen is right at the jump tem-
perature. Thus it is useful to compare results using parameters
for either side and see if there is one that is a preferred expla-
nation for our X-ray observations. The parameters are given in
Table 4. Superscripts “H” and “C” refer to the hot and cool side
of the bistability point. We used the results given in Fig. 2 of
Vink et al. (2000), to obtain the mass loss rate instead of their
fitting formulae. This was done to avoid the large errors associ-
ated with the extrapolation of the analytical expression to either
side of the B1 spectral class.

We took the values for Log L/L� = 4.62, M/M� = 16 from
Prinja (1989) together with the mass loss rates and terminal
velocities to numerically find the dependence of EM on T (see
Fig. 7).

Several results can be seen in Fig. 7. For the soft and
medium bands the predicted emission measures are well above
the observations. Based on similar model/observation compar-
isons for τ Sco, one can explain the differences by using the
fact that the spherical shock picture overestimates the Emission
measure in actual winds. As explained in Howk et al. (2000)
the shocks are not likely to be spherical shells but rather in the
form of shock fragments. Probably owing to instabilities such
as Rayleigh Taylor because a fast low density wind is driving
a much denser and slower high density spherical shell. If we
allow for the likely possibility that the wind shocks are frag-
mentary, then one can explain the soft and medium results in
Fig. 7 which correspond to the two temperatures (9.4 × 105 K
and 2.4 × 106 K) in β Cen, we get the required EM for the soft
component if 0.1−0.4% is shocked, but for the medium

component from 1 to above 100% is needed. The model in
Howk et al. (2000) also predicts that only ∼1 percent of the
wind needs to be shocked in order to generate the required lu-
minosity. Our results for the soft and medium component seem
to agree within the boundaries of uncertainties.

However, a problem is seen in regards to the hard compo-
nent with the temperature (6.8 × 106 K). The hard component
cannot be fit for the model in which we assumed the star to be
on the cold side of the bistability limit. The primary reason for
this is that the terminal velocity for a star on the cold side of
the limit is simply not high enough to produce such hot shocks.

If on the other hand we assume that the star is on the hot
side of the bistability limit, we see in Fig. 7 that a wind shock
picture could explain all three temperature components, but in
this case the fraction of the wind that is in the shock fragments
is about 10%, a much larger fraction than in the model for the
cool side of the bistability limit.

It is tempting at this point to conclude that the results estab-
lished from the X-ray spectra indicate that β Cen is on the hot
side of the bi-stability limit. However, we need to investigate
whether it is possible that the hard X-rays arise from something
other than shocks embedded in the wind.

6.2. Binarity of β Cen

Another possibility for contributions to the hard X-ray com-
ponent is that it is coming from the shock generated from the
collision of the wind with that of its companion.

Shobbrook & Robertson (1968) found velocity variations
with a short and a long period from radial velocity mea-
surements. More recently it has been shown that these short
and long periods are 0.157 (Sterken & Jerzykiewicz 1993)
and 357 days (Ausseloos et al. 2002), respectively. From inter-
ferometric measurements Robertson et al. (1999) calculated the
separation of the binary components to be 15.6± 2 mas for the
epoch 1995.013. From this information we estimated the phys-
ical separation of the binary components for the epoch 2003.2
to be ∼4 AU (6 × 1013 cm).

The collision of winds in early type binary systems can pro-
duce a substantial flux of X-rays as shown by Stevens et al.
(1992). One can estimate the X-ray luminosity of colliding
winds to be

LX =
Λ(T )

(4πm̄)2
Ṁ2v−2D−1η2(1 + η−1/2), (8)

where D is the distance between stars at the time of observa-
tion, Λ is the emissivity, Ṁ is the mass loss rate, v is the wind
speed and η is the ratio of the wind ram pressure, which can be
written as

η =
Ṁ2v2

Ṁ1v1
·

In the following we use for the cooling function, the expres-
sion Λ = 1.64 × 10−19 T−

1
2 erg cm3 s−1 as has been used by

Feldmeier et al. (1997). Substituting this into Eq. (8) together
with all the constants (in cgs units) we find

LX = 2.82 × 1031 Ṁ2v−3
∞ D−1η2(1 + η−1/2) erg s−1. (9)
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From Table 4 we can substitute the values for Ṁ, v∞ for the low
speed wind and the distance D to get

LX = 5.07 × 1031 η2(1 + η−1/2) erg s−1. (10)

From this we conclude that one needs η ∼ 0.15 in order to be
able to explain the hard component of the fit, for the case of a
star on the cool side of the bistabilty limit. Although we find
that the colliding winds generate enough EM, we also need to
see if the temperature is sufficient. Luo et al. (1990) studied
the two interesting cases: a) colliding equal winds with (η = 1)
and b) the primary wind overwhelms the other (η ∼ 0). For
both cases they calculate the emerging spectrum of the col-
liding winds. The spectra peak at a certain energy (kTpeak),
which can be compared to the maximum temperature (Tmax).
The region that has the highest temperature is where the wind
comes to a dead stop. This can be obtained from Eq. (5) for
the case where ∆v is equal to the total wind speed. For β Cen
this temperature is Tmax = 1.0 × 107 K. From Figs. 7 and 8
of Luo et al. (1990) we calculated that Tpeak/Tmax ∼ 0.8 for
η = 1 and ∼0.4 for η ∼ 0, respectively. For the hard component
Tpeak/Tmax = 0.48 which corresponds to η ∼ 0.2, assuming
a linear relation between Tpeak and η. This value for η is very
close to the one we obtained from the observed X-ray flux.

Thus to obtain a fit to the data for the slow wind case (i.e.,
the star being on the cool side of the bi-stability limit), we
would need the hard X-rays to come from the interaction of
the binary components. Then we also expect a different col-
umn density associated with this component. To check this we
first split out the different temperature components. When we
analyzed the individual components we saw that the medium
and the hard components dominated the spectrum. For the hard
component we allowed the column density (NH) to be differ-
ent from the others. We used a series of column densities for
the hard component ranging from (1 to 17) ×1019 cm−2, while
fitting the other parameters as described in Sect. 4. This pro-
cedure, which is effectively the addition of an extra parameter,
did not improve the χ2

red of the fit.
In summary, the three X-ray temperature components can

be explained in two ways. The star is on the hot side of the
B1 bi-stability limit and has a wind fast enough to explain all
three components as arising from fragmentary shocks in the
wind. Alternatively the star could be on the cool side of the bi-
stability limit and have a slower wind, but in this case the hard
X-ray component would need to come from the colliding wind
shock.

As a test to the explanations for the hard component one
needs to observe β Cen at different epochs. We would expect
variability in the hard component with a period of about 1 yr if
the colliding winds scenario is responsible for the hard X-rays.
Since the binary orbit is highly eccentric (∼0.8, Ausseloos et al.
2002) and the luminosity is inversely proportional to the dis-
tance between the stars, we would expect an order of magni-
tude change in the luminosity. This would be easily observable
if this is the case.
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